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Radial structure in planetesimal discs
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Planetesimal discs

Kalas+2008

• Planetary systems are not only composed of planets.  

• Asteroid and Kuiper belt analogues are also products of planet formation. 

• exo-Kuiper belts present at least around 20% of FGK stars (e.g. Sibthorpe+2018).

exo-Kuiper belt 
>10 AU

asteroid belts 
<10 AU 
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Exoplanet population

Kalas+2008

Hot Jup Warm giants

Sup-Earths

From exoplanet census we know 
little about the outer regions of 
planetary systems.

No Neptunes?
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Debris discs

Kalas+2008

Debris discs

Debris discs provide a unique 
window into the outer regions. 

Structure can indicate presence 
of planets and formation history 

Also sensitive to low mass 
planets
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What do we see in circumstellar discs?
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DSHARP, S. Andrews et al. 2019

Protoplanetary discs10

as conducted in Section 4, we confirm a marginal (⇠3�)
correlation that indeed also has the same slope as inferred
for the SMA 340GHz sample.
It is also interesting to note that ⇠0.2 dex of (presumed

to be Gaussian) dispersion perpendicular to this scaling
is required to reproduce the observed scatter of the indi-
vidual measurements beyond their inferred uncertainties.
The regression analysis used to infer that scatter does
not provide information on its underlying cause. How-
ever, one compelling possibility is that it may be related
to the diversity of heating the disks might experience
given the wide range of stellar host (irradiation source)
properties included in this sample.
This stellar heating hypothesis is testable, at least in a

crude sense. We can do that by re-scaling the Lmm infer-
ences by a factor / 1/B⌫(hTdi), where B⌫ is the Planck
function and hTdi is a rough estimate of the average dust
temperature inside the e↵ective radius. Ideally, we could
calculate hTdi weighted by the continuum optical depth
(e.g., Andrews et al. 2013), but since we have opted for
an empirical modeling approach here, such information
is not directly accessible. As an approximation, we can
presume the emission is optically thin and thereby adopt
a weighting function w(r) = I⌫(r)/B⌫ [Td(r)], so that

hTdi =
R Reff

0 w(r)Td(r) 2⇡ r dr
R Reff

0 w(r) 2⇡ r dr
. (8)

Now we need to specify a presumed parametric form for
Td(r) that roughly captures the behavior of irradiation
heating by the central star. We base that behavior on
the analysis of a suite of radiative transfer models of
representative disks by Andrews et al. (2013) and set

Td(r) ⇡ T10

✓
L⇤
L�

◆1/4 ⇣ r

10AU

⌘�1/2
(9)

where T10 = 30±5K is the temperature at 10AU and L⇤
is the stellar host luminosity. We also impose a floor on
Td(r), such that it cannot go below a background level of
7K (the adopted value makes little di↵erence, so long as
it is in a reasonable range, . 12K). Using this prescrip-
tion, we collated L⇤ estimates from the literature7 (see
Testi et al. 2003; Natta et al. 2004; Andrews et al. 2010,
2011, 2012, 2013; Cieza et al. 2012; Barenfeld et al. 2016;
Cleeves et al. 2016) and computed posterior samples of
hTdi for each posterior draw of brightness profile param-
eters, including a representative 20% uncertainty in L⇤
(along with the distance and T10 uncertainties). Table 4
includes the derived hTdi and adopted L⇤ values.
With this coarse metric of the disk heating in hand,

we can then examine the relationship between Re↵ and
a quantity / Lmm/B⌫(hTdi) that should account for any

7 The adopted L⇤ values were appropriately scaled to the draws
from the distance posteriors.

Figure 10. Disk size (as defined in Sect. 3.3) as a function of the
total disk mass (see text for associated assumptions). Each ellipse
represents the 68% joint confidence interval on {logRe↵ , logMd}.
The gray curves show 200 random draws from the linear regression
posteriors. There is notably less scatter than in its scaling with
Lmm (see Fig. 9), suggesting that much of the dispersion in that
relation can be explained by a heating (temperature) e↵ect.

scatter introduced by dust heating in the analysis of the
size–luminosity relation. For the sake of a familiar com-
parison, we opt to re-cast the scaled luminosity dimen-
sion in the context of a disk mass estimate. Again assum-
ing the emission is optically thin, we followed Andrews
et al. (2013) to calculate

logMd = log


Lmm

B⌫(hTdi)

�
+ 2 log d0 � log (⇣⌫), (10)

where d0 = 140 pc (the adopted reference distance for
Lmm), ⇣ = 0.01 (an assumed dust-to-gas mass ratio), and
⌫ = 3.5 cm2 g�1 (a standard 340GHz dust opacity).
Figure 10 shows the corresponding relationship be-

tween the e↵ective radii and these masses. It is immedi-
ately apparent that the correlation is stronger and tighter
after accounting for hTdi, at least partially because much
of the perpendicular spread has been redistributed along
the trend. We performed the same regression analysis in
the {logRe↵ , logMd}-plane as before and found

logRe↵ = (2.64± 0.07) + (0.47± 0.04)⇥ logMd (11)

(where again Re↵ is in AU and Md is in M� units; the
quoted uncertainties are at the 68% confidence level).
The scatter perpendicular to this relation is considerably
smaller than in Figure 9: it has a (presumed Gaussian)
dispersion of ⇠0.10 dex, but is consistent with the scatter
arising solely from the data uncertainties (at 2.5�).
This demonstrates that the inferred slope of the size–

luminosity relation is preserved (and indeed reinforced)
by the temperature correction, which in this framework
implies a roughly constant average surface density inte-
rior to Re↵ , h⌃i|<Reff ⇡ 10 g cm�2 (following the same
logic as in Eq. 7). That value can be re-cast into an
average optical depth, h⌧i|<Reff ⇡ 1/3.
We will revisit that optical depth inference below, but

Tripathi+2018

interstellar radiation field in giant molecular clouds (Mathis
et al. 1983). We have decided not to apply this plateau in our
study for two reasons. First, continuum radiative transfer
models show that the interstellar radiation field has a negligible
effect on the dust disk temperature and outer disks can be
colder than 10 K (N. Hendler et al. 2016, in preparation; van
der Plas et al. 2016). Second, Guilloteau et al. (2016) note that
the edge-on disk of the Flying Saucer absorbs radiation from
CO background clouds and infer very low dust temperatures of
5–7 K at ∼100 au in this disk. The lowest-luminosity source in
our ChamaeleonI sample, J11082570–7716396 with
Lbol= 0.0014 Le, has a Tdust of 4.8 K with our prescription.
Such a value is below 10 K but still consistent with the lower
temperatures found in disk models and in the Flying
Saucer disk.

Figure 7 summarizes our findings, with black and orange
symbols for cases (a) and (b), respectively. A lower Tdust for
lower-luminosity (typically lower-mass) objects results in a
lower Planck function and hence in a higher dust mass
estimate. When applying to these two extreme cases the same
Bayesian approach described in Section 4, we find the
following best fits: log(Mdust/M⊕) = 1.9(± 0.2)×log(M*/
Me) + 1.1(± 0.1) for a constant Tdust and log(Mdust/M⊕) = 1.3
(± 0.2)×log(M*/Me) + 1.1(± 0.1) for Tdust decreasing with
stellar luminosity. The standard deviation (hereafter dispersion)

about the regression is 0.8± 0.1 dex; see also Table 4. As
expected, the slope of the – *M Mdust relation is the same as that
of the Fmm–M* relation for the assumption of constant
temperature, while it is flatter when the temperature decreases
with stellar luminosity. Importantly, even the flatter relation is
steeper than the linear one inferred from pre-ALMA disk
surveys (Andrews et al. 2013; Mohanty et al. 2013) and from
ALMA surveys with a limited coverage of stellar masses (e.g.,
Carpenter et al. 2014 and Section 4). Most likely the – *M Mdust
relation is steeper than 1.3(± 0.2) since our ALMA observa-
tions, as well as recent analysis of brown dwarf disks, hint at
smaller dust disks around lower-mass stars (N. Hendler et al.
2016, in preparation; Testi et al. 2016). However, quantifying
the steepness of the – *M Mdust relation will require measuring
how dust disk sizes scale with stellar masses.

6. DISCUSSION

6.1. The Disk–Stellar Mass Scaling Relation in Nearby Regions

The four nearby regions of Taurus (d= 140 pc,
age∼1–2Myr; Luhman 2004), Lupus (d= 140 pc,
age∼1–3Myr; Comerón 2008), ChamaeleonI (d= 160 pc,

Table 4
– *M Mdust Relations

Region Age (Myr) aT20 bT20 α β Dispersion

Taurus 1–2 1.6(0.2) 1.2(0.1) 1.1(0.2) 1.0(0.1) 0.7(0.1)
Lupusa 1–3 1.8(0.3) 1.6(0.2) 1.1(0.3) 1.4(0.2) 0.8(0.1)
ChaI 2–3 1.9(0.2) 1.1(0.1) 1.3(0.2) 1.1(0.1) 0.8(0.1)
UpperSco 10 2.7(0.4) 0.9(0.2) 1.9(0.4) 0.8(0.2) 0.7(0.1)

Notes. The listed α and β values (uncertainties in parentheses) are the slope and intercept of the following linear relation: log(Mdust/M⊕) = α×log(M*/Me) + β.
The first two entries are obtained assuming a fixed dust temperature of 20 K, while the other entries assume a dust disk temperature scaling with stellar luminosity (see
text for more details).
a There are 20 sources in Lupus that do not have stellar masses (J. M. Alcalá et al. 2016, in preparation; Ansdell et al. 2016). While Ansdell et al. (2016) have assigned
masses in a Monte Carlo fashion following the distribution of the Lupus I–IV YSOs, we do not include these sources in our fits. The slope and dispersion reported in
Ansdell et al. (2016) are the same as those reported here.

Figure 7. Dust disk masses (Mdust) as a function of stellar masses (M*). Black
symbols are for a constant dust disk temperature of 20 K, while orange symbols
use the – *T Ldust scaling relation proposed by Andrews et al. (2013). The
dashed lines are the best fits for these two cases. Note that the scaling relation
proposed by Andrews et al. (2013) flattens the disk–stellar mass relation.

Figure 8. – *M Mdust relation in four different regions: Taurus (green solid line),
Lupus (red dot-dashed line), ChamaeleonI (black dashed line), and UpperSco
(light-blue dotted line). These relations are obtained assuming a fixed dust
temperature of 20 K (see also Table 4). For ChamaeleonI we also plot the
individual dust disk masses. Note that the ∼10 Myr old UpperSco has a
steeper – *M Mdust relation than the other star-forming regions.

(The data used to create this figure are available).

12

The Astrophysical Journal, 831:125 (19pp), 2016 November 10 Pascucci et al.

Pascucci+2016
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Debris discs show a variety of structure too

Marino+2016,2017,2018,2019, Kennedy+2018, MacGregor+2013,2017,2018, Hughes+2017, Olofsson+2018, Feldt+2017, Konishi+2016, Matrà+2019 Lovell+in prep
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Debris discs
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CO snowline ppdiscs

Kuiper belt

Debris discs are overall larger around more massive 
stars. However, relation is different compared to ppdisks. 

What sets the location of exo-Kuiper belts? 
- Outermost planet? 
- Snowlines? 
- Collisional evolution?

Matrà, Marino+2018 
+REASONS survey +unpublished results 
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Detectable debris discs tend to be wide

Marino+2016,2017,2018,2019, Kennedy+2018, MacGregor+2013,2017,2018, Hughes+2017, Olofsson+2018, Feldt+2017, Konishi+2016, Matrà+sub, Lovell+in prep
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3.1. Continuum Emission

Figure 1 (left panel) shows the primary beam corrected ALMA 1.3 mm continuum image of Fomalhaut. With natural
weighting, the rms noise level is 14 µJy/beam and the synthesized beam size is 1.0056 ⇥ 1.0015 (12 ⇥ 9 AU at 7.7 pc)
with a position angle of �87�. The right panel of Figure 1 shows the ALMA 1.3 mm image overlaid as contours on a
Hubble Space Telescope (HST) STIS coronographic image of optical scattered light (Kalas et al. 2013). The millimeter
continuum emission structure appears to match well with the narrow belt structure observed in the previous HST
image. Overall, the new ALMA image shows emission from three components: (1) a narrow, eccentric ring (30�), (2)
an unresolved central point source at the stellar position (54�), and (3) an unresolved point source on the eastern side
of the disk (10�). Most strikingly, we note a significant flux di↵erence between the apocenter (NW) and pericenter
(SE) sides of the disk of ⇠ 65 µJy (> 5�), which we attribute to ‘apocenter glow,’ a result of the disk’s eccentricity
(Pan et al. 2016, see Section 4.1 for further discussion).
We attribute the unresolved point source in the southeast quadrant to a background galaxy. The total flux density

for this source is 0.150±0.014 mJy, determined by fitting a point source model to the visibilities using the uvmodelfit
task in CASA. Recent deep ALMA surveys have built up statistics on the number of faint background sources expected
in a given field of view (Hatsukade et al. 2013; Carniani et al. 2015). Given these (sub)millimeter source counts, the
number of sources with flux density of > 0.15 mJy expected within our field of view is 2.6+5.7

�1.9. The measured position
of this point source is ↵ = 22h57m40.766, � = �29�37032.00309 (J2000). This region has been imaged with HST/STIS
in the optical (GO-13726; PI Kalas) where the nearest background source is 0.0068 west and 0.0003 north of the ALMA
position. Given that the ALMA beam radius is ⇠ 0.0078 along Right Ascension, it is likely the ALMA source is the
same background object as observed in optical data.

Figure 1. (left) ALMA image of the 1.3 mm continuum emission from Fomalhaut. The dashed white ellipse in the lower left
corner shows the natural weight beam size of 1.0056⇥ 1.0015. The rms noise is 14 µJy/beam. (right) The ALMA continuum image
overlaid as contours (white) on the HST STIS image from Kalas et al. (2013). Contour levels are in steps of [5, 15, 25, 35, 45, 55]⇥
the rms noise.

3.2. Modeling Approach

Given the clear observed eccentricity in the Fomalhaut debris disk, we construct models that account for the orbital
parameters of particles in the disk. A particle orbiting within a circumstellar disk has both a proper and forced
eccentricity, ep and ef , respectively, as well as a proper and forced argument of periastron, !p and !f . We begin by
populating the complex eccentricity plane defined by these four parameters following Wyatt et al. (1999). The forced
eccentricity and argument of periastron, ef and !f , are imposed on the particles by the massive perturber forcing the
eccentricity in the disk, and are free parameters in our model. The proper eccentricity is also left as a free parameter,
ep, and describes the additional scatter in the eccentricity of each particle’s orbit; the !p associated with a given ep is
assumed to be randomly distributed from 0 to 2⇡. By assuming a semi-major axis, a, for each particle and random
mean anomalies, we iterate to find the true anomaly, f , using the newtonm code from ast2body (Vallado 2007). Then,

Fomalhaut 
MacGregor+2017

4926 G. M. Kennedy et al.

Figure 1. Self-calibrated Briggs-weighted image of the disc around HR
4796A (robust = 0.5). The filled circle in the lower left corner shows the
beam of 0.16 × 0.18 arcsec. The star is not detected but it’s location is
marked by a +, and with a distance of 72.8 pc the diameter of the ring is
approximately 160 au.

A second round of continuum imaging shows a significant image
quality improvement, now yielding a peak S/N of 37. The stan-
dard deviation obtained near the disc is σ = 31µJy beam−1, which
should be uniform across the central 2 arcsec region where the disc
is detected because the primary beam correction in this region is
<1 per cent.

In addition to the continuum, we also analysed the high-velocity
resolution spectral window around the 12CO J=3–2 line frequency.
We first subtracted continuum emission in visibility space using
the uvcontsub task within CASA, then imaged the visibilities with
natural weighting to cover the spectral region ±50 km s−1 of the
star’s systemic velocity (∼13.7 km s−1 in the heliocentric reference
frame; van Leeuwen 2007). This procedure yielded data cubes with
a synthesized beam size of 0.19 × 0.22 arcsec at the native spectral
resolution of the data set (0.85 km s−1). The standard deviation of
the noise in the data cube is 2 mJy beam−1 in a 0.42 km s−1 channel.

2.1 Basic continuum analysis

We first take a quick look at the observations using the clean image.
Detailed visibility modelling is carried out below, so the purpose of
this section is simply to introduce the data and provide a qualitative
image-based feel for the results that will follow.

Fig. 1 shows that the disc is seen very clearly as a narrow ring
that is strongly detected (S/N>9) at all azimuths. The width of the
disc appears similar to the beam size of 0.17 arcsec, so given the
distance of 72.8 parsecs the radial and vertical extent of the ring
about the maximum near 80 au is no more than about 15 au. The star
is not detected, which is consistent with the predicted photospheric
flux of 25.5µJy.

As a test of whether the ring is resolved, Fig. 2 shows radial
cuts along the major and minor disc axes, and an azimuthal profile
around the disc. For comparison three different models that provide
good fits to the data (and which are described below) are also
shown. Comparing an ‘unresolved’ ring model (dotted line) with
the data, the ring appears clearly resolved in the radial direction,

Figure 2. Radial (top two panels) and azimuthal (bottom panel) profiles of
the surface brightness S. The radial profiles are along the disc major (upper
panel) and minor (middle panel) axes, using 10◦-wide swaths. The blue
transparent bands show sections to the N and W, and the green to the S
and E; the width of these bands is the 1σ uncertainty. The same profiles are
shown for three different models. The dotted lines show a model ring that
is ‘unresolved’ radially and vertically. The dashed lines show a vertically
‘thin’ (flat) Gaussian model that is resolved radially, and the solid line shows
a radially and vertically ‘resolved’ model. These models are described in
detail in Section 3.1. The unresolved model is a poor match to the data, and
there is little difference between the resolved and thin models.

but whether it is resolved vertically is less clear. Some clue may
be given by the asymmetry in the inner and outer parts of the
radial profile along the major axis; a vertically ‘thin’ model (dashed
line) does not contribute as much flux as one that is ‘resolved’
both radially and vertically (solid line), but this difference is barely
discernible. Comparison with the azimuthal profile yields similar
results. Thus, while profiles along both the major and minor disc
axes are affected by the radial and vertical structure, the differences
here are small and models of the full data set are needed to quantify
them.

As a quick test of whether the ring is consistent with being
symmetric, we rotated the image by 180◦ and subtracted it from
the un-rotated version. The star is not detected, so an x/y shift was
allowed to optimize the subtraction. The result of this subtraction
is an image that appears consistent with noise, suggesting that any
brightness asymmetry that could arise from the disc eccentricity
of 0.06 is not detected with ALMA. As the star is undetected, we
cannot rule out the possibility that the disc is eccentric but has an
azimuthally uniform surface density.

Using an elliptical mask with a semi-major axis of 1.75 arcsec
and semi-minor axis 0.4 arcsec (the ratio derived for the dust ring
below), we measure a total disc flux of 14.8 ± 1.5 mJy, where the
uncertainty is dominated by the 10 per cent absolute calibration un-
certainty. These values are consistent with 14.4 ± 1.9 mJy measured
with SCUBA-2 (Holland et al. 2013) as part of the Survey of Nearby
Stars (SONS) legacy programme (Holland et al. 2017). This agree-
ment suggests that the ALMA observations have not resolved out
significant flux on scales larger than seen in Fig. 1.

MNRAS 475, 4924–4938 (2018)Downloaded from https://academic.oup.com/mnras/article-abstract/475/4/4924/4810765
by European Southern Observatory user
on 07 March 2018

HR4796 
Kennedy+2018
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Marino+2018

4 Matrà et al.

Figure 1. ALMA 1.33 mm CLEAN images of continuum emission from the � Pictoris belt obtained from the combined 12m
extended, compact and ACA baselines, with natural weighting. The image is centered at the location of the star (detected
here) and was rotated so that the belt midplane aligns with the horizontal axis, assuming the PA of the main disk observed in
scattered light (29.3�). The RMS noise level achieved is 12 µJy beam�1 for a synthesized beam size of 0.0032 ⇥ 0.0027 (6.1 ⇥ 5.3
au, bottom left circle).

Figure 2. Radial distribution of continuum 1.33 mm (blue),
885 µm (red) and CO J=2-1 emission (green) obtained by
spatially integrating images (such as Fig. 1) within a height
of ±20 au from the belt midplane. Each profile is normalised
to its maximum to enable direct comparison.

(measured as FWHM, Fig. 3 bottom panel). We report
two main findings:

1. In contrast with the CO J=2-1 line emission, we
find that dust emission is not well represented by
a single vertical Gaussian, being more centrally
peaked and having broader wings extending out to
±40 au from the sky-projected midplane. This is
evident in Fig. 4, which shows the residual verti-
cal profile obtained by integrating emission across
the entire midplane after vertically centering it so
that the centroid of the emission aligns with the
midplane. The best-fit Gaussian profile (red, with
a standard deviation of 8.2±0.2 au) leaves signifi-
cant residuals (Fig. 4, bottom), whereas a double-
Gaussian profile (green, with standard deviations

of 5.1±0.3 and 15.7±1.4 au) considerably improves
the fit, leaving no significant residual emission. We
find that relative flux calibration systematics of
±10% between the datasets with compact and
extended baselines (tracing vertically broader
and narrower emission, respectively) cannot ac-
count for this discrepancy, which must therefore be
physical in origin. This shows that the double-
Gaussian or Lorentzian profiles needed to
fit scattered light observations (Golimowski
et al. 2006; Lagrange et al. 2012; Apai et al.
2015) reflect the vertical structure of the
large planetesimals-tracing grains.

2. The belt spine (Fig. 3, middle) presents little verti-
cal displacement across the midplane and is largely
consistent with the PA of the main disk observed
in scattered light. This is significantly di↵erent
from CO J=2-1 emission, whose spine presents an
extra tilt angle dPA of ⇠4� similar to that of the
warp interior to ⇠80 au seen in scattered light
(Apai et al. 2015; Matrà et al. 2017). Therefore,
we conclude that an inner disk tilt as large as
observed in scattered light and CO obser-
vations is not detected in the structure of mil-
limetre grains. Assuming the mm grains are trac-
ing the planetesimal distribution, this shows that
planetesimals are not perturbed into a warp - or
at least into one as pronounced as that observed in
the distribution of the smallest grains observed in
scattered light. At the same time, the tilt present
in both the scattered light and the CO distribu-
tion, with the CO clump clearly o↵set by 4-6 au

Beta Pic 
Matrà+2019
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Gaps in wide planetesimal discs
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Solar type stars, ~100-200 Myr old
What is the origin of the gaps? 

“Seeing Dust, Thinking of Planetesimals” A. Krivov 
Depletion of solids or larger planetesimals?

HD107146, Marino+2018 HD92945, Marino+2019
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Larger planetesimals?

What could cause the formation of ~100x larger 
planetesimals at a specific radius?
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Solid depletion

Where are the planets? 
How massive do they need to be?
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3 mechanisms to open gaps through 
planet disc interactions (no gas)

b) Secular interactions
—> planet at disc inner edge 

Mass ~ disc mass 
(Pearce+2015)

a) Scattering
—> planet in the gap 

Mass ∝ gap size7/2 

(e.g. Morrison+2015)

c) Secular resonances
—> 2 planets interior to disc  

 (Yelverton+2018)
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A) Planet in the gap
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• Gap is marginally resolved 

• Width<< 50 au  
—> Mp<<5 MJup 

• Depleted by 40-100% 

• However, potential asymmetry 
 —> disfavouring scenario “a”
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b) A gap opened by an ECCENTRIC planet?
3334 T. D. Pearce and M. C. Wyatt

Figure 4. Example N-body simulation of an interaction between an ec-
centric planet and an equal mass, coplanar debris disc, with the simulation
parameters described in the text. The left-hand panels show the debris sur-
face density and the planet’s orbit (white ellipse), at time zero and then
at subsequent evolutionary stages. The right-hand panels show the radially
averaged surface density at these times; the thick black lines are the surface
density profiles, the dashed lines are the analytic surface density at t = 0,
and the points show the planet’s semimajor axis and pericentre/apocentre
distances. The red line on the Stages 3 and 4 surface density plots shows an
r−3.5 profile, typical of scattered debris, and material beyond 150 au follows
this profile. The evolutionary stages are common to all our simulations, and
are described in Section 2.4.

early on may now have their eccentricities frozen, as the forcing
eccentricity becomes small owing to the decrease in planet eccen-
tricity. If the planet circularization time-scale is much longer than
the secular time-scale of the outermost particles then surviving non-
scattered debris forms a smooth disc apsidally anti-aligned with the
planet; otherwise, the spiral overdensity may still be present in the
outer debris and remain there indefinitely.

Figure 5. Eccentricity evolution of the planet in the simulation shown
on Fig. 4, as an example of the general behaviour observed in all our
simulations. At early times (up to ∼10 Myr) secular eccentricity oscillations
are noticeable, on top of the long-term decline from debris scattering. The
dotted lines and numbers in boxes refer to the stages of system evolution,
for comparison with Fig. 4.

Generally, whilst the planet’s eccentricity and longitude of peri-
centre evolve significantly throughout the interaction, its other or-
bital elements remain roughly constant. In the example simulation
aplt changes by less than 5 per cent, and iplt never exceeds 0.◦6 (from
an initial value of 0◦).

The qualitative results presented in this section are general. The
quantitative results will differ for specific systems, but rough scaling
rules can be applied. For example, increasing the mass of the planet
and disc simultaneously (whilst keeping Mplt = Mdisc) will decrease
the interaction time-scales, whilst increasing the planet semimajor
axis and disc radii will increase time-scales. Increasing the planet
eccentricity will decrease the circularization time-scale, and moving
the disc mass inwards (either through reducing r1 or increasing γ )
makes the planet circularize faster and to a greater degree.

Whilst this paper primarily considers the case where Mplt = Mdisc,
the results are applicable to the Mplt > Mdisc regime too. Even if
the planet were orders of magnitude more massive than the disc,
the general secular behaviour is the same as in the equal-mass case.
A difference between the two mass regimes is that the transition
between aligned and anti-aligned particles occurs farther from the
star if the planet is more massive than the disc; this is because the
planet would precess more slowly relative to debris than the equal-
mass case, so the location where particles precess more slowly than
the planet is farther from the star (see Fig. 2). This is why we
did not observe this secular behaviour in Pearce & Wyatt (2014);
our discs simply did not extend far enough outwards to probe this
regime. The main qualitative evolutionary difference between the
equal-mass case and that when the planet is much more massive is
that the planet will not undergo the same degree of orbital evolution
in the latter regime.

An interesting result may occur if 1 ! Mplt/Mdisc ! 10, whereby
particles can change between the aligned and anti-aligned secular
regimes. This occurs because the planet initially precesses rapidly
(leading to anti-alignment of some particle orbits), yet the planet is
massive enough to eject a significant fraction of the disc particles.
The declining disc mass causes the planet precession to slow, mean-
ing that the precession rate of some particles can ‘overtake’ that of
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Equal-mass planet disc interactions 3335

Figure 6. ALMA observations of HD 107146, along with our best-fitting simulation. Top left: ALMA 1.25 mm continuum image (Ricci et al. 2015). Note
that we use a different colour scale to that in the aforementioned paper. The white ellipse represents the beam size and orientation. Top right: points show the
normalized, radially averaged surface brightness profile of the disc as observed by ALMA, measured using elliptical apertures. The solid line is the profile
from our best-fitting N-body simulation, at the time (19 Myr after the start of the interaction) of the best fit; the two agree with a reduced χ2 value of 0.4.
The simulation parameters and the method used to compare the data and simulation are described in Section 3. Bottom left: positions of debris particles in the
best-fitting N-body simulation at 19 Myr. The x − y plane is the initial disc mid-plane, with planet pericentre initially pointing along the x-axis. The orbit of
each particle has been populated with 100 points with randomized mean anomalies, to increase the effective number of particles plotted. The white point is the
star, and the white ellipse the planet’s orbit. Bottom right: simulated ALMA image of the N-body disc. The particles have been scaled for emission, the image
rotated, and smoothed with a 2D Gaussian representing the ALMA beam (white oval). Compare this to the ALMA observation in the top left, noting that we
have not added noise and hence our image is smoother.

the planet. The final result of such an interaction is the formation
of a coherently eccentric disc (as in Pearce & Wyatt 2014), but
with a more messy structure due to additional particles which have
changed their secular behaviour. We do not wish to make significant
comments on the case where Mplt < Mdisc, as disc self-gravity would
be very important in this regime and thus the results of this paper
probably do not apply there (see Section 4.1). Whilst our results
probably hold if the planet is slightly less massive than the disc
(i.e. Mplt/Mdisc ! 1), they will almost certainly break down once
Mplt/Mdisc ! 0.1.

Our results may be used to predict the outcome of an eccentric
planet interacting with a coplanar debris disc of the same or greater
mass. They may also be used to infer the presence of an unseen
perturber from the structure of an imaged debris disc, as we will
now demonstrate for HD 107146.

3 A P P L I C ATI O N TO H D 1 0 7 1 4 6

HD 107146 is a 80–200 Myr old G2V star, located 27.5 pc from
the Sun (Williams et al. 2004; van Leeuwen 2007). In 2000, IRAS
imaging revealed excess infrared emission in the stellar spectrum,

indicative of a debris disc (Silverstone 2000). As noted in Section 1,
further observations resolved the disc in both infrared emission and
scattered light (Ardila et al. 2004; Williams et al. 2004; Carpenter
et al. 2005; Corder et al. 2009; Hughes et al. 2011). For an excellent
summary of work on HD 107146 up until 2011, see Ertel et al.
(2011).

The recent 1.25 mm ALMA image reveals the disc at millimetre
wavelengths in unprecedented detail (Ricci et al. 2015). These data
show that the disc spans 30–150 au from the star and, assuming it is
circular, inclined by 21◦ to the sky plane at a position angle (E of N)
of 140◦. These observations detected 0.2 M⊕ of dust at 1.25 mm,
and by extrapolating this up to bodies of diameter D = 1000 km
(with the number of bodies of a given diameter n(D) ∝ D−3.6) the
authors inferred a total disc mass of 100 M⊕. The ALMA image
and corresponding surface brightness profile are shown in the top
two plots of Fig. 6.

It is clear from these plots that the disc has an unusual morphol-
ogy. The outer regions are brighter than the inner, and the brightness
profile decreases with radius before increasing again farther out.
Lower resolution 880 µm Submillimeter Array observations also
show that the surface brightness does not decrease with radius as
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C) A gap opened by inner planets?
Two inner planets in low e orbits precess interior to disc 
Particles at semi-major axes where the precession rate is 
similar to planet’s will reach high e

Yelverton & Kennedy 2018

Secular resonance sculpting in debris discs 2685

Figure 11. Image showing the normalized surface density of the disc after
100 Myr of dynamical evolution assuming an initially uniform density, with
400 × 400 pixels and Nsp = 300. The white ellipses show the instantaneous
planetary orbits at 100 Myr. There is a depletion at around 75 au due to the
secular resonances; note also the spiral structure and offset inner ring.

Since the centre of this circle is moving in time, the interior part
of the disc in fact precesses over time, and the extent of the offset
varies. The disc of HD 107146 appears to be axisymmetric, which
means that in this model the planets cannot be highly eccentric,
since more eccentric planets lead to higher forced eccentricities and
therefore greater asymmetries.

The surface brightness profile of HD 107146 is double-peaked,
with both peaks having comparable heights (Marino et al. 2018).
Since dust further away from the star is lower in temperature, this
suggests that the surface density ! is higher at the outer peak than
the inner peak. One way to achieve such a profile would be to choose
an initial profile that increases with r, however the protoplanetary
discs from which debris discs form tend to have density profiles that
decrease with distance (e.g. Andrews et al. 2009). A perhaps more
natural explanation, in which the inner part of the disc is depleted
by collisions, will be explored in the following subsection.

4.1.2 Collisional evolution

The fact that the surface density of the HD 107146 disc appears to
increase with distance from the star could be a result of its collisional
evolution. As the constituent planetesimals collide with each other
they break into smaller fragments, eventually grinding themselves
down to the blowout size Dbl, at which point they are blown out of
the system by radiation pressure, resulting in a loss of mass from
the disc over time. The rate of mass loss due to this process is
faster where the relative velocities between the colliding objects are
higher. Since the Keplerian orbital velocity is proportional to r−1/2,
planetesimals are moving faster toward inner edge of the disc, so
we expect more collisional depletion there. The relative velocities
between planetesimals on more eccentric orbits – such as those
near the secular resonances – will also be higher than for near-
circular orbits. Including the effect of collisions should therefore
not only shape the profile into one that increases with r, but also
provide an additional mechanism for reducing the density near the
resonances on top of the purely dynamical depletion we observed
in Section 4.1.1.

The amount of collisional depletion depends on properties of the
disc that are not well known – its mass, the strength of its constituent
planetesimals, the distribution of sizes of the planetesimals, and the

Figure 12. Fraction of initial particle mass remaining after 100 Myr as a
function of semimajor axis, assuming an initially flat density profile, with
Q⋆

D = 250 J kg−1, Dc = 60 km, and ρ = 2700 kg m−3. The dotted lines
show mean motion resonance locations and the dashed lines show the sec-
ular resonance locations. The inner ring of the disc is depleted in mass
relative to the outer, where the collisional lifetime is longer. Particles near
the secular resonances are depleted as their enhanced eccentricities shorten
their collisional lifetime.

maximum planetesimal size. We will assume an equilibrium size
distribution (Dohnanyi 1968), such that

n(D) ∝ D−3.5, (33)

where n(D)dD is the number of planetesimals with sizes between D
and D + dD. This is in conflict with Ricci et al. (2015), who derived
a size distribution exponent of −3.25 ± 0.09 for ∼mm-sized grains.
However, as they acknowledged, extrapolating such a shallow size
distribution to large planetesimal sizes leads to unreasonably large
disc masses, so it is likely that larger bodies follow a steeper distri-
bution. For simplicity, we assume that equation (33) applies for all
sizes from Dbl up to the maximum size Dc; then, equation (15) of
Wyatt (2008) can be used to relate the fractional luminosity f of the
disc (i.e. the ratio of the disc luminosity to the stellar luminosity) to
the mass Mtot. Using the value f = 1.2 × 10−3 from Williams et al.
(2004) gives the relation

Mtot

M⊕
= 34.3

(
Dc

km

)1/2

, (34)

where we took the radius of the disc to be its midpoint 90 au, and
used Dbl = 1.7µm from Ricci et al. (2015). This relation removes
one degree of freedom from the problem.

We adopt the model of Wyatt et al. (2010), which also assumes
an equilibrium single power-law size distribution, to estimate how
much mass is lost by each particle over time due to collisions.
This is a post-processing of the N-body output, involving binning
the particles in pericentre distance q = a(1 − e) and apocentre
distance Q = a(1 + e), calculating the collision rate of each particle
with particles in each of the (q, Q) cells using equation (33) of
Wyatt et al. (2010), and depleting the mass of each particle at
each time according to their equation (34). Note that by binning
particles in q and Q without any consideration of orientation, this
model assumes that the disc is axisymmetric – which we know
from Section 4.1.1 is not strictly the case here – and thus ignores
any azimuthal dependence of the collision rate. We use the shorter
of τ 1 and 1/Rmax

cc as the time-step, where Rmax
cc is the instantaneous

catastrophic collision rate of the fastest evolving particle.
Fig. 12 shows the fraction of initial mass remaining after 100 Myr

as a function of semimajor axis, assuming an initially flat density
profile, a planetesimal density ρ of 2700 kg m−3, a planetesimal
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Figure 13. Synthetic image of the disc after 100 Myr of dynamical and
collisional evolution. The contribution from each particle in the simulation
is weighted by the factor shown in Fig. 12 to include the depletive effect
of collisions and by r−1/2 to convert to surface brightness. The image is
convolved with a Gaussian of FWHM 18 au to allow comparison with the
ALMA observations of Marino et al. (2018).

strength Q⋆
D of 250 J kg−1, and a Dc of 60 km (which implies Mtot =

265M⊕). We used a grid of 100 × 100 logarithmically spaced cells
in (q, Q) space, with q and Q running from 15 to 200 au. Beyond
around 110 au, the collisional lifetime is sufficiently long that the
disc is not depleted there within the age of the system. The level of
depletion of the inner part of the disc can be controlled by varying
the disc parameters; the reason for choosing the parameters used
to make Fig. 12 in particular will be explained in the following
subsection. In addition to the clear collisional depletion at the sec-
ular resonances, there are also peaks and troughs in the fractional
remaining mass near mean motion resonances – though as we will
see in the following subsection, even the 2:1 resonance (which is
strongly depleted in Fig. 12) is too narrow to have any effect on ob-
servations of the disc. The surface density profile that results from
including collisions is shown as a dashed line in Fig. 10.

4.1.3 Comparison with observations

Fig. 11 is instructive in that it gives the detailed structure of the disc,
but to see what would in reality be observed, the simulation data
should be convolved with an appropriate point spread function,
which in the case of ALMA approximates the beam that results
from CLEAN imaging of observations with some antenna configura-
tion. For comparison with the ALMA observations of Marino et al.
(2018), we convolve with a Gaussian of full width at half-maximum
(FWHM) 18 au, the resolution of their Briggs-weighted band 6 ob-
servations. To transform surface density into surface brightness (the
observed quantity), we assume that the dust grains act as black
body radiators such that the contribution of each grain to the sur-
face brightness is proportional to the black body function Bν(T).
Assuming they are in equilibrium with the stellar radiation, they
have a temperature T∝r−1/2 at a distance r, which leads to the ap-
proximation Bν(T)∝r−1/2. A synthetic image is presented in Fig. 13;
the procedure for making this is the same as for Fig. 11, but the con-
tribution from each particle is weighted by r−1/2 as well as by the
mass factor shown in Fig. 12 to include the effect of collisions.

For a quantitative comparison with data, we show the azimuthally
averaged radial profile of Fig. 13 in Fig. 14. Though the model is
not within the observational uncertainties, this is hardly expected

Figure 14. Azimuthally averaged radial surface brightness profile of the
disc shown in Fig. 13 (solid line), compared with the ALMA observations
(points) of Marino et al. (2018). The model profile has a depletion in the
correct location and the relative peak heights are comparable with the data,
though the observed gap is wider.

given that the only observational inputs to the model were the extent
of the disc and the approximate location of the gap (as well as the
relative brightnesses of the two rings of the disc, which, as will be
explained below, were used to tune the collision rate). We do see,
however, that it is possible to reproduce a disc with qualitatively the
same features as in the observations – i.e. a profile with an inner
peak and a broader outer peak in the correct locations separated by
a deep depletion – just by choosing parameters from Fig. 7. The
depletion in the secular resonance model is, however, narrower than
in the observed disc. We consider a way in which a wider gap could
form by forcing one of the planets to migrate in Section 5.

Note that the spiral structures seen in Figs 10 and 11 are not visible
at the resolution of these observations; Figs 13 and 14 do however
make it clear that there is an excess of emission just exterior to the
depletion, where the eccentric particles with semimajor axes in the
depleted region will spend most of their time (i.e. near apocentre).

At this point, we can explain why the Q⋆
D and Dc chosen in

the previous subsection work well. If we make a plot analogous to
Fig. 14 but without including any collisional depletion, the inner
peak of the brightness profile is much higher relative to the outer than
in the data, with the ratio of the peak heights being around 10:6.
In the data, the relative heights are around 10:9. Thus, if we are
invoking collisions to explain the peak heights, Q⋆

D and Dc should
be chosen such that the inner edge of the disc has reduced in mass
by a factor of around 2/3. To estimate some suitable parameters, we
use equation (17) of Wyatt (2008), which gives the time evolution
of the mass of a planetesimal belt; assuming collisions became
destructive early in the evolution of the disc, this equation tells us
that the mass will fall to 2/3 of its initial value after time tc/2, where
tc is the collisional time-scale. Thus, assuming an age of 100 Myr,
we require tc at the inner edge of the disc to be around 200 Myr.
To relate tc to Q⋆

D and Dc, we use equation (16) of Wyatt (2008);
taking an annulus of the disc extending from 30 to 40 au and setting
its collisional time-scale to 200 Myr then gives
(

Q⋆
D

J kg−1

)5/6 (
Dc

km

)1/2

≈ 770, (35)

where we took the mean eccentricity in the annulus to be 0.05, con-
sistent with Fig. 8, and assumed that the surface density profile of
the disc was initially flat to calculate the mass of the annulus. The
parameters used to make Fig. 12 satisfy this relation, and do indeed
lead to relative peak heights comparable with the data. However,
note that the problem is degenerate in that we could, for example,
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present in the distribution of millimetre-sized grains. This means
that the planet that migrated must be less massive than ⇠ 10�2 M�
(Equation 14 in Wyatt 2006), which would make the resonant pop-
ulation unlikely4. Alternatively, if the migration is stochastic, plan-
etesimals might be only weakly bound to the resonance, making it
easier for larger grains to exit and form an axisymmetric structure.

In the third scenario, a planet on an initially eccentric orbit
(e.g. after a scattering event with an inner planet) interacts with
a planetesimal disc of similar mass, opening a gap through secu-
lar interactions that is asymmetric. During the evolution multiple
scattering events damp the planet’s eccentricity and its orbit is cir-
cularised, ending up near the inner edge of the disc on an orbit
close to where the surface density peaks interior to the gap. This
scenario could produce a gap similar to the one observed as well as
the possible asymmetry since the gap width varies with azimuth in
that model. The inner planet must be of a similar mass compared to
the disc, i.e. ⇠ 100 M� based on disc mass estimates discussed in
§5.1.1. However, Pearce & Wyatt (2015) showed that the resulting
inner edge of the disc is not steep, but rather smooth as a result of
planet disc interactions. This is in contradiction with our observa-
tions that suggest a very steep inner edge, although it is not clear
if the addition of an inner planet closer in (that scattered the outer
planet) in Pearce & Wyatt (2015) simulations could lead to a steeper
inner edge.

Finally, in §4 we showed how two inner planets could open a
gap within the planetesimal disc through secular resonances. Figure
8 summarises the constraints on these planets assuming that the
outermost planet truncated the disc at 50 au, the gap is located at
73 au, and the gap is set in less than 300 Myr (upper limit for the
age of the system). The outermost planet must have a semi-major
axis of about around 40-45 au depending on its mass, which would
be constrained to be larger than 10 M� (otherwise the timescale to
create the gap is longer than 300 Myr, Yelverton & Kennedy 2018).
Its mass, on the other hand, must be lower than direct imaging upper
limits of ⇠ 9 MJup (derived by Biller et al. 2013, and represented
with a red shaded region). These upper limits only apply to the
innermost planet if it has a semi-major axis larger than ⇠ 7 au. Its
semi-major axis also cannot be larger than 20 au to ensure dynam-
ical (considering that the planets cannot be closer than 5 mutual
Hill radii). There is no current lower limit for its semi-major axis.
However, if it was smaller than 2 au, it would be readily detectable
using radial velocities (dotted line), although we are not aware of
any published radial velocity detection or upper limit even though
it has been monitored, therefore planets could still lie in that region.
Note that the location of the gap and timescales depend on the planet
mass and semi-major axis ratios, therefore the exact planet masses
and semi-major axes required to explain the observations are degen-
erate. As commented before in §5.1.1 new generation instruments
in JWST or 30m class telescopes could detect planets beyond 10 au
with masses significantly lower than current direct imaging limits,
potentially confirming or ruling out this scenario.

5.1.3 No planet scenarios

Multiple alternative scenarios have been proposed to explain gaps
in protoplanetary discs that do not require the presence of planets.
Some invoke changes in the dust opacities near condensation fronts
(snow lines) due to changes in grain growth e�ciency (Zhang et al.

4 The planet would need to migrate at 10�4 au Myr�1, too slow to sweep
and capture a significant number of planetesimals

Figure 8. Mass and semi-major axes of two putative planets interior to
HD 92945 disc and that produced the observed gap. The outer planet lo-
cation is represented by coloured circles chosen such that it truncates the
disc at 50 au (observed inner edge). The mass and semi-major axis of the
corresponding innermost planet are represented by continuous lines, that
ensure that the gap is at 73 au, it is set in less than 300 Myr and the two
planets are on stable orbits. With the outer planet at 49 au, the secular
timescale at 73 au exceeds 300 Myr for any choice of inner planet, so there
is no corresponding yellow line shown. This figure is analogous to Figure
7 in Yelverton & Kennedy (2018). The red shaded regions represent planet
masses excluded by direct imaging (Biller et al. 2013, assuming that the
planet is near the minor or major axis of the disc), while the grey region
in the top excludes companion masses that exceed one-tenth of the central
star. The region above the dotted line is where radial velocity measurements
could easily detect a planet with a precision of 10 m s�1 and spanning one
year, although there are no published RV results.

2015; Okuzumi et al. 2016), or gas dust interactions (Takahashi &
Inutsuka 2014; Ruge et al. 2016; Flock et al. 2017; Dullemond &
Penzlin 2018). We do not expect that local decrements in the dust
opacities due to dust growth in protoplanetary discs to be imprinted
in the radial distribution of dust produced by planetesimal grinding,
unless planetesimal properties are di�erent within these gaps (e.g.
strength, size distribution, formation e�ciency). On the other hand,
gas dust interactions can a�ect the solid mass distribution and thus
the planetesimal distribution inherits this gap. Therefore, the latter
is a potential explanation for the observed gaps in debris discs too.

5.2 Volatile delivery

If the gap was of secondary origin and cleared by a planet on an
orbit at 73 au, some of the planetesimals would get scattered inwards
where they could deliver volatiles such as water to inner planets that
potentially formed dry (e.g. like Earth, Morbidelli et al. 2000).
Although a single planet on a circular orbit cannot scatter material
into the temperate regions where habitable planet may lie in this
system (Bonsor & Wyatt 2012; Bonsor et al. 2012), additional inner
planets can facilitate this process as long as the orbits of the two
outermost planets are close enough. This is because the pericentre of
particles interacting with a single planet is constrained to be larger
than qmin, which depends on the planet mass and initial Tisserand

MNRAS 000, 1–13 (2018)
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Gaps/rings in planetesimal belts are becoming more common

2

Figure 1. Our new ALMA 1.3 mm continuum image of HD 15115 (left) shows evidence for two rings in the disk. At right, the
ALMA image is overlaid as 3� contours (3⇥ the rms noise of 15 µJy beam�1) on the HST STIS image from Schneider et al.
(2014). In both panels, the white ellipse in the lower left corner indicates the synthesized beam size of 0.0058⇥ 0.0055 (with robust
= 0.5 weighting).

Previous millimeter observations of the HD 15115 debris disk hinted that the asymmetric structure seen in scattered
light might also be traced by larger grains, but lacked the sensitivity or resolution to draw firm conclusions (MacGregor
et al. 2015a). Here, we present new ALMA observations of this intriguing system with the highest resolution and
sensitivity at these wavelengths to date that trace the large grain population, and by inference, the planetesimal
locations within the disk.

2. OBSERVATIONS

We observed the HD 15115 debris disk with ALMA in Cycle 3 using Band 6 (1.3 mm, 230 GHz). Two scheduling
blocks (SBs) were executed in both a compact (baselines of 15–310 m) and more extended (baselines of 15–704 m)
configuration with 36 antennas in the array on 2016 January 1 and 2016 June 9, respectively. The total observing
duration was 31.7 min with an on-source time of 15.1 min, and 48.5 min with 30.2 min on-source for the compact and
extended configurations, respectively. For both executions, the precipitable water vapor (PWV) was < 1.5 mm.

The correlator was set-up to maximize continuum sensitivity while still covering the 12CO J= 2�1 line at 230.538 GHz
with high spectral resolution. To achieve this, we used four spectral windows with central frequencies of 230.538
(centered on the 12CO J= 2 � 1 line), 232.538, 215.5, and 217.5 GHz. The three continuum-only spectral windows
had a bandwidth of 2 GHz with 128 channels, while the final spectral window had a reduced bandwidth of 1.875 GHz
with 3840 channels.

Both the compact and more extended SBs made use of the same calibration sources. The bright blazar J0238+1636
(10.�8 away from the target) was used for both bandpass and flux calibration, as well as pointing. We estimate that
the absolute flux calibration uncertainty is < 10%. Observations of J0224+0659 (0.�8 away) were interleaved with the
target to account for time-dependent gain variations due to instrumental and atmospheric e↵ects. All data processing
and calibration was done with the ALMA pipeline in CASA (version 4.7.2). To reduce data volume, the calibrated
visibilities were time-averaged in 30 sec intervals. All images were generated using the CLEAN task in CASA.

3. RESULTS AND ANALYSIS

Our new ALMA 1.3 mm dust continuum image of HD 15115 is shown in Figure 1 (left panel). The synthesized beam
is 0.0058 ⇥ 0.0055 (28 ⇥ 27 AU) with robust = 0.5 weighting, and the rms noise in the image is 15 µJy beam�1. The right
panel of Figure 1 shows the same continuum image overlaid as contours in increments of 3� over the previous HST
STIS scattered light image. With ALMA, we detect the disk and a point source coincident with the stellar position
at 18� and 15�, respectively. Most surprisingly, the disk appears to consist of two rings separated by a gap at ⇠ 100

seen as two peaks or ansae (the characteristic limb brightening of an optically thin, edge-on disk) on either side of the
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M. Feldt et al.: SPHERE/SHINE reveals concentric rings in the debris disk of HIP 73145

Fig. 1. HIP 73145, its disk, and the tentative companion as seen by IRDIS. The large image is a median combination of PCA reductions with 5, 7,
10, and 15 components. The results of other ADI analyses can be seen in the insets. For a description of these results, see text.

independent of the data reduction method (cf. Fig. 1), yet it is
not absolutely clear whether it is is real or an artifact.

In order to investigate the structures a bit more in detail, we
analyzed the deprojected image of the disk assuming a circular
ring and an inclination of 72.6� from face on. The inclination
was found by minimizing the ellipticity of the two ring fea-
tures described below. To guide the eye, we denoted apparent az-
imuthal structures with semi-transparent marks in the left panel
of Fig. 3. Two of these structures, denoted “B1” and “B2”, are
also easily found in the plot shown in the right panel of Fig. 3.
This plot shows the pixel intensity versus the radial distance of
each pixel from the center. A 100 points-wide running mean has
been applied to smooth the line after sorting the pixels into vec-
tors according to their distance from the center. The light blue
area denotes the running standard deviation across the 100 pix-
els neighboring closest in terms of distance from the center. The
B1 and B2 structures were analyzed further by fitting ellipses
to the brightest pixels (intensity greater than 1.8 ⇥ 10�6 for B1
and greater than 1.0 ⇥ 10�6 for B2) in the areas between the in-
ner and outer edges of the features as taken from Table 2. These
fits yield a minimum ellipticity of 0.04 for B1 and 0.08 for B2
for an inclination of 72.6 ± 1.0�. Also the two features appear
very well concentric, the center of B2 being o↵set from that of
B1 by 3.3 AU (000.03) or 3.3% of the radius of B1. There is a
third inner feature, which does not appear to be circular and is
denoted as B3E for its eastern and B3W for its western part.
The western part has an apparent radius of 45 AU, whereas the
eastern part appears more elliptical; the ellipse denotes the semi-
transparent mark in Fig. 3 having a semi-major axis of 45 AU and
a semi-minor axis of 35 AU. Table 2 summarizes the location of

Fig. 2. Reconstructed ALMA image of HIP 73145. The linear stretch
is between �0.47 and 1.71 mJy/beam, and the contours are at
3�, 5�, 7.5�, 10� with � = 0.12 mJy/beam.

the features found in the disk of HIP 73145. To determine the
inner and outer edges given in Table 2, we smoothed the dark
blue line in Fig. 3 with a running mean of 1000 points width,
roughly (though not constantly) corresponding to about 7 AU in
the distance-sorted vector of all pixels, and read the locations of
the zeros of the second derivative closest to the peak positions.
This failed for the inner edges of feature B3 and the outer edge of
feature B1, which have been determined by eye. We stress again
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Fig. 6. Frequencies of parameters obtained for the 1% best mod-
els in the two-belt 2gaps case.

of a central cavity for ring-like geometries. Here, we are partic-
ularly interested in the density distribution in between the two
belts, and therefore to investigate whether this region is filled or
empty we defined four families of radial densities by changing
the surface density slopes (↵in�1, ↵out�1, ↵in�2, ↵out�2

2): fill,
ring, gap, 2gaps. The values of the density slopes are provided
in Table 3 and an illustrative sketch is depicted in Fig. 5. For
the gap and 2gaps cases the density slopes between r1 and r2
were chosen to be steep enough (+/�20) to avoid mutual over-
lapping. In addition, the 2gaps models feature an additional in-
ner gap (r < r1). For the fill and ring cases the outer belt
is truncated inwards of r2. In the fill models the outer den-
sity slope of the first belt is fixed at -3.5 to avoid discontinu-
ities between the belts. However, this slope is an average value
since it does not match for any separations between r1 and r2.
Finally, the ring case features an increasing density function to
allow a flat intensity variation. The outer disk density slope is the
same for any model family (�4 or �5). In the case of gap and
fill models, the inner slope is symmetrical with the outer one
(↵in�1 = �↵out�2). Similarly, the scale height is allowed to take
two values but be identical for the two belts (h = 0.01, 0.02).

5.2.1. Edge-on outer belt

Once density functions are defined, the next parameters are
the inclinations and the locations of the belts. Intuitively, from
the visual inspection of the image we assume that of these two
belts the most inclined should be the outer one. In that case, we
defined the following ranges of parameters, again with some
priors regarding the acceptable range:
- inclination of the outer belt: i2 [�] = 85, 86, 87, 88
- relative inclination i2 � i1: [�] = 4, 5, 6, 7,
- radius of the inner belt: r1 [au] = 60, 65, 70, 75, 80, 85, 90
- radius of the outer belt: r2 [au] = 90, 95, 100, 105, 110, 115, 120

In the parameter space, we intentionally matched the largest
value explored for r1 with the minimal value explored for r2 to
check if unrealistic situations (same radii but di↵erent inclina-
tions) could come out from the analysis. Here, we used GRaTer
twice to model each belt individually and then the two synthetic

2 Subscripts 1 and 2 denote the first and second belt, respectively,
with respect to the distance to the star.

Fig. 7. From top to bottom: Original data from April 2017 (same
as in Fig. 2), the raw model before PSF convolution, the cor-
responding forward model, the best model injected in the data,
and the residuals (2gaps case: i1 = 82�, i2 = 87�, r1 = 85 au,
i2 = 115 au). The field of view is 600 ⇥ 0.800.

images were co-added to produce a two-belt model. This is not
exactly similar to defining a global analytical expression of the
radial density but it allows more flexibility in adapting the rela-
tive weight and inclination of the belts (for optically thin disks
the intensity is proportional to the density). Taking the phase
function into account, we expect very strong forward scattering
for very inclined disks, so a disk image in scattered light should
be very strongly peaked at small phase angles. Furthermore,
this peak quickly decreases in intensity as the scattering an-
gles increase (or conversely the inclination decreases). In the
two-belt configuration the less inclined (inner) belt therefore ap-
pears much fainter for a similar dust density to the more inclined
(outer) belt, although it receives more stellar flux. This behav-
ior is illustrated in Fig. C.1. However, we observe in the im-
age a nearly identical intensity for these two belts, so implicitly
the inner belt should have a larger density to match the images.
Qualitative tests led us to multiply the scattered light image of
the inner belt by a factor two.

The aperture in which the �2 is evaluated is similar to that
of the single-belt case but reduced to 300 instead of 600, the outer
slope of the surface density being already constrained at the for-
mer stage. However, the choice of the aperture size has clearly
some impact on the model fitting. A larger aperture tends to in-
crease the �2 and lead to similar solutions for all four of the fam-
ilies of models. We tested two approaches: either a forward mod-
eling, where, as before, a perfect model (no noise) is compared
directly to the data, or alternatively, the same model is injected
into the data cube with a brightness ratio of 6 ⇥ 10�6 (slightly
brighter than the real disk), and processed the same way, but
reversing the parallactic angle sequence to cancel out the disk
while keeping the noise structure. In both cases, the eigenvec-
tors of the PCA are determined on the data without any fake
disk; these are then stored and reapplied on the noiseless model,
or when the model is added to the data. These two approaches
yield mostly the same outcome and so the current results are
based here on the latter for practical reasons.

The �2 for all tested models ranges from 4.15 to 11.75, glob-
ally indicating poor fits. The smallest �2 are obtained for the
2gaps family (�2

min
= 4.15), then for ring and gap (�2

min
= 4.32

and 4.43 respectively), while fill is clearly worse (�2
min
=

4.64). Overall, these values do not di↵er significantly, which
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� !
Figure 2.  Left: PCA image of the disk. Middle: Residuals after subtraction of the best single ring model, with 
the same linear color scale as the left image. Right: best single ring model (unconvolved with the SPHERE PSF) 
in a log scale to show the fainter backward side of the disk.  This model only tries to reproduce the inner ring 
and therefore the arc described in Fig. 1 is still clearly visible in the residuals.  

!

!  
Figure 3: Left panels: best model of the double ring (top) and residuals after subtraction (bottom) . Right panels: 
best model of a single ring with a smooth halo (top) and residuals after subtraction. The 2 bottom panels have 
the same linear colour scale (also identical as that of Fig.  3) while the models have a logarithmic colour scale. 

!
- I strongly recommend adding more discussion and interpretation related to the observed 
structures. What can be the origin of a single ring vs. ring+arc? Why if there is an external belt, 
only one part of the belt is observed in form of an arc? I imagine that the authors are concerned 
about the page limit, but I would suggest moving the section of detected point sources and limits 
to an appendix and increase the discussion part, if the authors desire to keep the manuscript as a 
letter. It would be interesting also to compare the results with the structures resolved in other 
debris disks (which are listed for instance in the conclusion of the abstract). As I mentioned 
before, a discussion about the possible relation with the observed candidate companions 
(potential disk truncation and sculpting the observed structures) can be very suitable for a 
discussion. !!
You can discuss the presence of gas that can lead to rings as shown by Lyra and Kuchner. ALMA 
constraints can constrain such a scenario. Alternatively a planet might have carved a gap, or a 
resonance might have removed particles from un unstable configuration as is the case in the 
Saturn rings.!!
Minor comments: !!
-Conclusion in the abstract: it does not have meaningful information. It reads more like a general 
remark than a conclusion of the analysis done for the paper. !!

Fig. 3. Results of the forward modeling for the case of a single belt. Left: PCA image of the disk. Middle: Residuals after subtraction of the best
single ring model, with the same linear color scale as the left image. Right: best single ring model (unconvolved with the SPHERE PSF) in a log
scale to show the fainter backward side of the disk.

Fig. 4. Results of the forward modeling for the case of two belts (left
panels, reduced �2 = 3.5) and a narrow-ring laid over a smooth halo
(right, reduced �2 = 3.8). The models are shown on top and the post-
ADI residual images at the bottom.

Fig. 5. Sketch showing the HST/STIS and the SPHERE images of the
debris disk around HIP 67497.

seen with HST have an orientation compatible with the belt
and the arc of the SPHERE images. Another asymmetric fea-
ture is seen on the east side up to 8 arcsec, but can not be
easily related to the structures seen with SPHERE. Di↵erent
asymmetries at di↵erent scales have already been noticed for
HD 106906 (Kalas et al. 2015) and HD 32297 (Esposito et al.
2014; Schneider et al. 2014) for example. One candidate com-
panion (#1, see Appendix B) could lie within the structures re-
vealed by STIS and the arc seen with SPHERE. The present
STIS data are unfortunately a↵ected by blind zones caused by
the position of the coronagraphic bars of STIS (only two roll
angles).

Several options exist to explain the morphology of the disk
of HIP 67497. The observed ring-like structures may be caused
by dust-gas interactions (Lyra & Kuchner 2013). Unfortunately,
the gas content of the disk remains unknown. Alternately, plan-
ets with di↵erent individual eccentricities and semi-major axes
(Lee & Chiang 2016) may also provide an explanation for the

double-ring structure. Our observations are sensitive to 1.5 to
15 MJup in-between the ring and the arc when accounting for
the disk inclination (Fig. B.1). We explore in Appendix C the
case of one, two, or three perturbers on circular orbit, or one and
two planets on eccentric orbits using numerical simulations. The
predicted masses can reach ⇠21 MJup for the case of a single
planet. But the mass estimate of the perturber(s) is sensitive to
the eccentricity of the orbit(s). New observations with STIS and
SPHERE are required to reveal the full morphology of the disk,
improve the detection performances, and to clarify the nature of
the CCs.
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Take home messages

• Debris discs present a rich radial structure 
• Most of them seem wide 
• The structure can hint at the presence of planets 
• How are the observed structures connected with ppdisk 

observations? 

Debris discs
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Thanks for listening

Sebastian Marino
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What forms first, planetesimals or gaps?
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Planet migration?

Unless there are inner planets ejecting the material that is scattered in (Solar System) 

Higher resolution needed

Disc mass ~10-100 Mearths —> inward migration
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e.g. Fernandez&Ip 1984; Ida+2000; Kirsh+2009, Ormel+2012 
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How should planet-disc interaction look like?

Kalas+2008

HD129590

Tabeshian&Wiegert 2016

perturbations as larger mass planets excite the particles and move
them to higher eccentricity orbits. In our simulations, the disk
becomes too heavily eroded to distinguish the 2:1 MMR at 6
−7MJ, making this the practical upper limit for the use of this
technique for characterizing extrasolar disk-planet systems.

5.3. Libration Width Versus Planet Mass

More massive planets are expected to open wider MMR gaps
in disks. In Figure 8 we illustrate this effect by plotting
libration width versus planet mass for interior (left) and exterior
(right) resonances with planet’s eccentricity e=0.0, shown by
the top two panels, while the bottom two panels show our
results when the planet’s eccentricity is increased to
e=0.0489. The different colors and symbols used and their
least-square linear fits in each panel represent results obtained
analytically using Equation (4) and from the simulations. It is
clear that particularly in the case of interior resonances (left two
panels), there is nearly perfect agreement between the 2:1
MMR gap widths obtained from the simulations and the ones
calculated analytically while there is an offset between the
measured and analytic results in the case of exterior resonances
(right panels). Furthermore, as expected, increasing the planet’s
mass also increases the width of the MMR gap in all cases.
Thus the mass of the perturbing planet, seen or unseen, can be
estimated from the width of the resonant gap it produces.

Equations (6) through (9) are obtained from least square fits
to the values we get from our simulations (see Figure 8). These
equations allow one to easily calculate the planet’s mass if the

2:1 MMR gap width can be measured observationally. To
simplify the calculation, we normalize our results again, this
time making the observed mid-location of the gap equal to one
unit of distance. We do this so that the equations that are
provided from this point forward can also be applied to cases
where the planet is unseen but an MMR gap is detected in the
debris disk.

(A) Interior Resonance with e=0.0:

M W
1

0.015
0.012 , 6o( ) ( )= -

(B) Interior Resonance with e=0.0489:

M W
1

0.012
0.025 , 7o( ) ( )= -

(C) Exterior Resonance with e=0.0:

M W
1

0.009
0.009 , 8o( ) ( )= -

(D) Exterior Resonance with e=0.0489:

M W
1

0.008
0.020 , 9o( ) ( )= -

where M is the planet mass (in Jupiter masses, MJ) and Wo is
the observed width of the gap (in units of the distance between
the star and the observed gap).

Figure 5. Structures formed by resonance interactions of planetesimals with a 4.0MJ planet on a circular orbit interior to the disk. (a) Exterior resonance with a planet
on a circular orbit results in the formation of a gap that appears as a single arc in the region of the disk closest to the planet. (b) Distribution of particles in the disk for
each segment marked in Figure 5(a).
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Planet interior to disc

gaps due to MMR

Big grains

Migrating planet

Wyatt 2003, 2006

causing the particle to be scattered onto a more eccentric and
inclined orbit.4 Since after scattering the particle’s pericenter (or
apocenter) remains close to the orbit of the planet, further close
approaches and scattering can then ensue. This scattering process
was studied by following the simulations of ! ¼ 0:02 and 0.2
grains coming from the planetesimals in the 3:2 resonance shown
in Figure 3 for 350 Myr, although excluding grains once their
semimajor axis dropped below 40 AU (because such grains
would either be scattered by interior planets or evolve due to P-R
drag on to the star). These simulations showed that some grains
were inserted quickly into the resonances outside the 3:2 reso-
nance (some ! ¼ 0:02 grains were trapped in the 8:5 resonance,
while the ! ¼ 0:2 grains populated a large number of resonances,
including the 2 :1, 5:2, 3:1, 7 :2, and 4 :1 resonances), in which
case they remained there until P-R drag forces had increased their
eccentricities to the maximum value for the resonance, at which
point the libration width increased until the resonance was un-
stable, a process that took "30–50 Myr. The nonresonant grains
were scattered relatively quickly (on timescales as low as tscat),
but remained in the system to undergo further scattering events.
These grains were eventually excluded following scattering
events that put their semimajor axes below that of the planet and
once P-R drag had further reduced their semimajor axes below
40 AU, a process that took a total of "10–30 Myr.

The resulting spatial distribution of the grains is not only
axisymmetric, but also more radially and vertically extended
than that of the parent planetesimals. The resonances did intro-
duce a small clumpiness in the resulting distribution, however,
due to the variety of resonances populated by a small fraction of
particles; this is expected to have a minimal effect on the dis-
tribution, resulting in only a slight underdensity at the location
of the planet for these grains. The scattering timescale itself
(eq. [16]) is relatively short, since grains with ! ¼ 0:5 to !crit en-
counter the planet on timescales of tscat ¼ 0:25tpl to 62.5"#0.5tpl.
While this is likely to be significantly shorter than the collisional
timescale, the simulations showed that the dynamical lifetime
of the grains may be much longer than their collisional lifetime.

The scattering timescale given in equation (16) should thus be
considered the timescale on which the particle distribution be-
comes axisymmetric.

2.2.2. 2 :1 Resonance

The parameters used in the runs to characterize the libration
parameters of dust grains created in the destruction of planet-
esimals previously trapped in the 2 :1 resonance of a migrating
planet are given in Table 2. For these runs, the migration was set
so that planetesimals were trapped only into the 2 :1(u) reso-
nance (i.e., with # librating about "270$, causing a clump of
material "90$ behind the planet’s motion). The results of the
runs for the 2 :1 resonance are broadly similar to those for the
3:2 resonance in that for increasing ! (decreasing grain size),
the librationwidth increases, leading to clump smearing and even-
tually an axisymmetric spatial distribution.
However, one significant difference was that as the particles !

was increased, the libration of# could no longer be described as a
sinusoidal oscillation. This is illustrated in Figure 1, which shows
the evolution of # for different sized dust grains coming from
the same planetesimal in one of the runs, as well as Figure 3,
which shows the spatial distributions of different sized dust grains

4 Note that in the absence of close approaches, such as might be the case for
dust coming from planetesimals with low eccentricity, it can be shown that P-R
drag would cause particles to reattain the resonance of their parent planetesimals
on a timescale that is independent of particle size: tPR ¼ 1070a2r /M? in years.

TABLE 2

Parameters for Runs for a 2 :1(u) Resonance

M?

(M% )

Mpl

(M& )

a

(AU) e !

0.8................................... 10 79.4 0.44 0.0001–0.1

0.8................................... 30 79.4 0.44 0.0001–0.1

0.8................................... 100 79.4 0.44 0.0001–0.1

0.8................................... 300 79.4 0.44 0.0001–0.1

2.5................................... 30 95.3 0.32 0.005–0.02

2.5................................... 300 95.3 0.32 0.01–0.03

2.5................................... 300 31.8 0.32 0.01–0.03

0.25................................. 30 95.3 0.32 0.01–0.03

2.5................................... 300 95.3 0.43 0.01–0.03

2.5................................... 300 95.3 0.20 0.01–0.03

2.5................................... 300 95.3 0.12 0.005–0.03

Note.—Parameters of the star (M?), planet (Mpl), parent planetesimals (a
and e), and dust particles (!) for runs characterizing the libration parameters of
dust grains created in the destruction of planetesimals previously trapped in
the 2 :1(u) resonance of a migrating planet.

Fig. 3.—Face-on view of the surface density distribution of dust grains of different sizes (characterized by the parameter !) created in the collisional destruction
of planetesimals trapped in resonance with a 30 M& planet that migrated 45–60 AU from a 2.5 M% star: top, dust from planetesimals in the 3 :2 resonance with
eccentricities of "0.28; bottom, dust from planetesimals in the 2 :1(u) resonance with eccentricities of "0.32. The planet’s location is shown with a white plus sign,
and its orbital motion is anticlockwise; the fields of view of the far right plots (for ! > 0:5) cover twice the area of the other (! < 0:5) plots. The color table is scaled
linearly to the maximum density in the density in each plot.
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causing the particle to be scattered onto a more eccentric and
inclined orbit.4 Since after scattering the particle’s pericenter (or
apocenter) remains close to the orbit of the planet, further close
approaches and scattering can then ensue. This scattering process
was studied by following the simulations of ! ¼ 0:02 and 0.2
grains coming from the planetesimals in the 3:2 resonance shown
in Figure 3 for 350 Myr, although excluding grains once their
semimajor axis dropped below 40 AU (because such grains
would either be scattered by interior planets or evolve due to P-R
drag on to the star). These simulations showed that some grains
were inserted quickly into the resonances outside the 3:2 reso-
nance (some ! ¼ 0:02 grains were trapped in the 8:5 resonance,
while the ! ¼ 0:2 grains populated a large number of resonances,
including the 2 :1, 5:2, 3:1, 7 :2, and 4 :1 resonances), in which
case they remained there until P-R drag forces had increased their
eccentricities to the maximum value for the resonance, at which
point the libration width increased until the resonance was un-
stable, a process that took "30–50 Myr. The nonresonant grains
were scattered relatively quickly (on timescales as low as tscat),
but remained in the system to undergo further scattering events.
These grains were eventually excluded following scattering
events that put their semimajor axes below that of the planet and
once P-R drag had further reduced their semimajor axes below
40 AU, a process that took a total of "10–30 Myr.

The resulting spatial distribution of the grains is not only
axisymmetric, but also more radially and vertically extended
than that of the parent planetesimals. The resonances did intro-
duce a small clumpiness in the resulting distribution, however,
due to the variety of resonances populated by a small fraction of
particles; this is expected to have a minimal effect on the dis-
tribution, resulting in only a slight underdensity at the location
of the planet for these grains. The scattering timescale itself
(eq. [16]) is relatively short, since grains with ! ¼ 0:5 to !crit en-
counter the planet on timescales of tscat ¼ 0:25tpl to 62.5"#0.5tpl.
While this is likely to be significantly shorter than the collisional
timescale, the simulations showed that the dynamical lifetime
of the grains may be much longer than their collisional lifetime.

The scattering timescale given in equation (16) should thus be
considered the timescale on which the particle distribution be-
comes axisymmetric.

2.2.2. 2 :1 Resonance

The parameters used in the runs to characterize the libration
parameters of dust grains created in the destruction of planet-
esimals previously trapped in the 2 :1 resonance of a migrating
planet are given in Table 2. For these runs, the migration was set
so that planetesimals were trapped only into the 2 :1(u) reso-
nance (i.e., with # librating about "270$, causing a clump of
material "90$ behind the planet’s motion). The results of the
runs for the 2 :1 resonance are broadly similar to those for the
3:2 resonance in that for increasing ! (decreasing grain size),
the librationwidth increases, leading to clump smearing and even-
tually an axisymmetric spatial distribution.
However, one significant difference was that as the particles !

was increased, the libration of# could no longer be described as a
sinusoidal oscillation. This is illustrated in Figure 1, which shows
the evolution of # for different sized dust grains coming from
the same planetesimal in one of the runs, as well as Figure 3,
which shows the spatial distributions of different sized dust grains

4 Note that in the absence of close approaches, such as might be the case for
dust coming from planetesimals with low eccentricity, it can be shown that P-R
drag would cause particles to reattain the resonance of their parent planetesimals
on a timescale that is independent of particle size: tPR ¼ 1070a2r /M? in years.

TABLE 2

Parameters for Runs for a 2 :1(u) Resonance

M?

(M% )

Mpl

(M& )

a

(AU) e !

0.8................................... 10 79.4 0.44 0.0001–0.1

0.8................................... 30 79.4 0.44 0.0001–0.1

0.8................................... 100 79.4 0.44 0.0001–0.1

0.8................................... 300 79.4 0.44 0.0001–0.1

2.5................................... 30 95.3 0.32 0.005–0.02

2.5................................... 300 95.3 0.32 0.01–0.03

2.5................................... 300 31.8 0.32 0.01–0.03

0.25................................. 30 95.3 0.32 0.01–0.03

2.5................................... 300 95.3 0.43 0.01–0.03

2.5................................... 300 95.3 0.20 0.01–0.03

2.5................................... 300 95.3 0.12 0.005–0.03

Note.—Parameters of the star (M?), planet (Mpl), parent planetesimals (a
and e), and dust particles (!) for runs characterizing the libration parameters of
dust grains created in the destruction of planetesimals previously trapped in
the 2 :1(u) resonance of a migrating planet.

Fig. 3.—Face-on view of the surface density distribution of dust grains of different sizes (characterized by the parameter !) created in the collisional destruction
of planetesimals trapped in resonance with a 30 M& planet that migrated 45–60 AU from a 2.5 M% star: top, dust from planetesimals in the 3 :2 resonance with
eccentricities of "0.28; bottom, dust from planetesimals in the 2 :1(u) resonance with eccentricities of "0.32. The planet’s location is shown with a white plus sign,
and its orbital motion is anticlockwise; the fields of view of the far right plots (for ! > 0:5) cover twice the area of the other (! < 0:5) plots. The color table is scaled
linearly to the maximum density in the density in each plot.
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causing the particle to be scattered onto a more eccentric and
inclined orbit.4 Since after scattering the particle’s pericenter (or
apocenter) remains close to the orbit of the planet, further close
approaches and scattering can then ensue. This scattering process
was studied by following the simulations of ! ¼ 0:02 and 0.2
grains coming from the planetesimals in the 3:2 resonance shown
in Figure 3 for 350 Myr, although excluding grains once their
semimajor axis dropped below 40 AU (because such grains
would either be scattered by interior planets or evolve due to P-R
drag on to the star). These simulations showed that some grains
were inserted quickly into the resonances outside the 3:2 reso-
nance (some ! ¼ 0:02 grains were trapped in the 8:5 resonance,
while the ! ¼ 0:2 grains populated a large number of resonances,
including the 2 :1, 5:2, 3:1, 7 :2, and 4 :1 resonances), in which
case they remained there until P-R drag forces had increased their
eccentricities to the maximum value for the resonance, at which
point the libration width increased until the resonance was un-
stable, a process that took "30–50 Myr. The nonresonant grains
were scattered relatively quickly (on timescales as low as tscat),
but remained in the system to undergo further scattering events.
These grains were eventually excluded following scattering
events that put their semimajor axes below that of the planet and
once P-R drag had further reduced their semimajor axes below
40 AU, a process that took a total of "10–30 Myr.

The resulting spatial distribution of the grains is not only
axisymmetric, but also more radially and vertically extended
than that of the parent planetesimals. The resonances did intro-
duce a small clumpiness in the resulting distribution, however,
due to the variety of resonances populated by a small fraction of
particles; this is expected to have a minimal effect on the dis-
tribution, resulting in only a slight underdensity at the location
of the planet for these grains. The scattering timescale itself
(eq. [16]) is relatively short, since grains with ! ¼ 0:5 to !crit en-
counter the planet on timescales of tscat ¼ 0:25tpl to 62.5"#0.5tpl.
While this is likely to be significantly shorter than the collisional
timescale, the simulations showed that the dynamical lifetime
of the grains may be much longer than their collisional lifetime.

The scattering timescale given in equation (16) should thus be
considered the timescale on which the particle distribution be-
comes axisymmetric.

2.2.2. 2 :1 Resonance

The parameters used in the runs to characterize the libration
parameters of dust grains created in the destruction of planet-
esimals previously trapped in the 2 :1 resonance of a migrating
planet are given in Table 2. For these runs, the migration was set
so that planetesimals were trapped only into the 2 :1(u) reso-
nance (i.e., with # librating about "270$, causing a clump of
material "90$ behind the planet’s motion). The results of the
runs for the 2 :1 resonance are broadly similar to those for the
3:2 resonance in that for increasing ! (decreasing grain size),
the librationwidth increases, leading to clump smearing and even-
tually an axisymmetric spatial distribution.
However, one significant difference was that as the particles !

was increased, the libration of# could no longer be described as a
sinusoidal oscillation. This is illustrated in Figure 1, which shows
the evolution of # for different sized dust grains coming from
the same planetesimal in one of the runs, as well as Figure 3,
which shows the spatial distributions of different sized dust grains

4 Note that in the absence of close approaches, such as might be the case for
dust coming from planetesimals with low eccentricity, it can be shown that P-R
drag would cause particles to reattain the resonance of their parent planetesimals
on a timescale that is independent of particle size: tPR ¼ 1070a2r /M? in years.

TABLE 2

Parameters for Runs for a 2 :1(u) Resonance

M?

(M% )

Mpl

(M& )

a

(AU) e !

0.8................................... 10 79.4 0.44 0.0001–0.1

0.8................................... 30 79.4 0.44 0.0001–0.1

0.8................................... 100 79.4 0.44 0.0001–0.1

0.8................................... 300 79.4 0.44 0.0001–0.1

2.5................................... 30 95.3 0.32 0.005–0.02

2.5................................... 300 95.3 0.32 0.01–0.03

2.5................................... 300 31.8 0.32 0.01–0.03

0.25................................. 30 95.3 0.32 0.01–0.03

2.5................................... 300 95.3 0.43 0.01–0.03

2.5................................... 300 95.3 0.20 0.01–0.03

2.5................................... 300 95.3 0.12 0.005–0.03

Note.—Parameters of the star (M?), planet (Mpl), parent planetesimals (a
and e), and dust particles (!) for runs characterizing the libration parameters of
dust grains created in the destruction of planetesimals previously trapped in
the 2 :1(u) resonance of a migrating planet.

Fig. 3.—Face-on view of the surface density distribution of dust grains of different sizes (characterized by the parameter !) created in the collisional destruction
of planetesimals trapped in resonance with a 30 M& planet that migrated 45–60 AU from a 2.5 M% star: top, dust from planetesimals in the 3 :2 resonance with
eccentricities of "0.28; bottom, dust from planetesimals in the 2 :1(u) resonance with eccentricities of "0.32. The planet’s location is shown with a white plus sign,
and its orbital motion is anticlockwise; the fields of view of the far right plots (for ! > 0:5) cover twice the area of the other (! < 0:5) plots. The color table is scaled
linearly to the maximum density in the density in each plot.
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Figure 1. Instantaneous surface density of surviving disc bodies at the end
of simulation 21, resulting in outcome Ia. The planet remains in the disc
mid-plane. The black asterisk marks the central star, and the dashed and
solid lines denote the initial disc edges and instantaneous orbit of the planet,
respectively. The orbit of each small body has been populated with 103

points with randomized mean anomalies, to increase the effective number
of particles on the figure. Note that care must be taken when interpreting the
resonant structure (the low-eccentricity ring crossing the planet’s apocentre)
plotted in this way, as addressed in Section 4.3. The planet has precessed
by 80◦ since the start of the simulation, when its pericentre lay along the
x-axis. The three plots have been normalized individually.

The coherent discs are also well defined on the e cos ϖ , e sin ϖ

plane, implying coupling between particle eccentricity and orienta-
tion. Each moves in a circle centred on a point between the location
of the planet’s orbit on this plane and the origin, with those at larger
semimajor axes forming tighter circles (i.e. their maximum eccen-
tricities are smaller, as apparent from the e versus a plot). These
circles all pass close to the origin. Each particle moves at a uniform
rate anticlockwise about its circle, and the planet and the centre of
the circles also rotate in this direction (far more slowly than indi-
vidual disc particles), with each circle remaining aligned with the
planet. Again, this is the behaviour expected of secular particles in
the low-eccentricity regime (e.g. Wyatt et al. 1999). However, one
might not necessarily expect this behaviour if the eccentricities are
large (see Section 4.1).

Beust et al. (2014) find similar behaviour in their analysis; our
particles are most akin to those below the red line on the first panel
of their fig. 7, which either librate or circulate in ϖ whilst oscillating
in eccentricity. We also note that resonant particles move in a similar
manner, but with much smaller maximum eccentricities (the green
points in Fig. 2). Coherent disc particles also move in closed loops
on the i cos ", i sin " plane, only not in circles but ovals and in
a clockwise direction. These ovals are centred on the planet and
aligned with " ≈ ϖ plt. As ϖ plt evolves with time, the tracks of the
particles on this plane rotate. Resonant particles also behave in this
manner.

Figure 2. Instantaneous orbital elements of the particles from simulation
21. The planet’s orbit is marked by the black circle, and disc particles are
coloured by their initial semimajor axes. Coherent disc particles inhabit the
well-defined structures on these plots. Top: the dashed lines are the initial
disc edges, and dotted lines are the 2:1 (innermost line) and 3:1 (outermost
line) exterior resonances with the planet. Middle: the line shows the path of
the planet and the cross marks the origin. Bottom: the line denotes " = ϖ plt.
Note that it actually intersects the planet rather than the origin. There is no
obvious correlation between the position of particles on this plane and
their eccentricity or longitude of pericentre. The behaviour on all plots is
qualitatively similar for all eccentric, low inclination planets.
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3.1. Continuum Emission

Figure 1 (left panel) shows the primary beam corrected ALMA 1.3 mm continuum image of Fomalhaut. With natural
weighting, the rms noise level is 14 µJy/beam and the synthesized beam size is 1.0056 ⇥ 1.0015 (12 ⇥ 9 AU at 7.7 pc)
with a position angle of �87�. The right panel of Figure 1 shows the ALMA 1.3 mm image overlaid as contours on a
Hubble Space Telescope (HST) STIS coronographic image of optical scattered light (Kalas et al. 2013). The millimeter
continuum emission structure appears to match well with the narrow belt structure observed in the previous HST
image. Overall, the new ALMA image shows emission from three components: (1) a narrow, eccentric ring (30�), (2)
an unresolved central point source at the stellar position (54�), and (3) an unresolved point source on the eastern side
of the disk (10�). Most strikingly, we note a significant flux di↵erence between the apocenter (NW) and pericenter
(SE) sides of the disk of ⇠ 65 µJy (> 5�), which we attribute to ‘apocenter glow,’ a result of the disk’s eccentricity
(Pan et al. 2016, see Section 4.1 for further discussion).
We attribute the unresolved point source in the southeast quadrant to a background galaxy. The total flux density

for this source is 0.150±0.014 mJy, determined by fitting a point source model to the visibilities using the uvmodelfit
task in CASA. Recent deep ALMA surveys have built up statistics on the number of faint background sources expected
in a given field of view (Hatsukade et al. 2013; Carniani et al. 2015). Given these (sub)millimeter source counts, the
number of sources with flux density of > 0.15 mJy expected within our field of view is 2.6+5.7

�1.9. The measured position
of this point source is ↵ = 22h57m40.766, � = �29�37032.00309 (J2000). This region has been imaged with HST/STIS
in the optical (GO-13726; PI Kalas) where the nearest background source is 0.0068 west and 0.0003 north of the ALMA
position. Given that the ALMA beam radius is ⇠ 0.0078 along Right Ascension, it is likely the ALMA source is the
same background object as observed in optical data.

Figure 1. (left) ALMA image of the 1.3 mm continuum emission from Fomalhaut. The dashed white ellipse in the lower left
corner shows the natural weight beam size of 1.0056⇥ 1.0015. The rms noise is 14 µJy/beam. (right) The ALMA continuum image
overlaid as contours (white) on the HST STIS image from Kalas et al. (2013). Contour levels are in steps of [5, 15, 25, 35, 45, 55]⇥
the rms noise.

3.2. Modeling Approach

Given the clear observed eccentricity in the Fomalhaut debris disk, we construct models that account for the orbital
parameters of particles in the disk. A particle orbiting within a circumstellar disk has both a proper and forced
eccentricity, ep and ef , respectively, as well as a proper and forced argument of periastron, !p and !f . We begin by
populating the complex eccentricity plane defined by these four parameters following Wyatt et al. (1999). The forced
eccentricity and argument of periastron, ef and !f , are imposed on the particles by the massive perturber forcing the
eccentricity in the disk, and are free parameters in our model. The proper eccentricity is also left as a free parameter,
ep, and describes the additional scatter in the eccentricity of each particle’s orbit; the !p associated with a given ep is
assumed to be randomly distributed from 0 to 2⇡. By assuming a semi-major axis, a, for each particle and random
mean anomalies, we iterate to find the true anomaly, f , using the newtonm code from ast2body (Vallado 2007). Then,

Fomalhaut

MacGregor+2017

Eccentric rings Clumpy gas structure

HR8799

of the clumps constrains the planet’s mass and
migration parameters (25). Notably, the planet
must be >10MEarth to have capturedmaterial into
its 2:1 resonance, and it would currently be close
to the inner edge of the gas-dust belt, ~90° in
front of the southwest clump. The CO clump’s
tail would point in the opposite direction to the
rotation, and its length is given by the ratio of CO
photodissociation lifetime to the synodic period.

The alternative interpretation (Fig. 3B) is that
the CO and micrometer-sized dust originate in a
single recent collision (12, 26). Because the clump
also contributes ~10% of the flux in our submil-
limeter continuum image, the parent body must
have a mass approximately equal to that of Mars,
as giant impacts typically release ~10% of the pro-
genitor’s mass as debris (27). Whereas collisional
debris persists in a clump for only ~100 years after
such an event, it is more likely that the collision
occurred ~0.5 million years ago, with the asym-
metry arising because the orbits of all collisional
debris pass through the collision point, a region
that would retain a high density and collision rate
(26). Such a clump would be stationary, and the
CO tail would lie in the rotation direction, with a
length given by the ratio of photodissociation time
to sidereal period (Fig. 3B).

Tentative evidence has been published for the
clump’s motion (28), which, if confirmed, would
favor the resonance interpretation. Either way,
these observations provide a valuable opportuni-
ty to ascertain the prevalence of planet-sized ob-
jects at large orbital distances in this disk.

The CO gas detected in b Pic is unusual
among debris disks. So far, two others have been
detected in CO [49 Cet and HD21997 (16)] and
one in O I [HD172555 (29)]. Most debris disks
are presumed to contain icy grains, so we would
expect all such systems to host CO and its photo-
dissociation products. The high collision rates
found in clumps may substantially enhance the
gas abundance. If CO is formed in collisions, its
brightness will scale as the collision rate, which is
proportional to vrnd

2, where vr is the collision
velocity andnd is the number of dust grains. Both
nd and vr are enhanced in clumps due to reso-
nances and giant impacts, increasing collision rates
by factors of up to 10 to 100 (7, 26). The presence
of these clumps can increase the overall collision
rate and CO flux from a disk by one order of
magnitude. The CO and compact clump in the b
Pic disk indicate that this system is undergoing a
period of intense activity driven by planets or
planet collisions.
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Fig. 3. Deprojected distributions of gas and
dust around b Pic (8). (A and B) Two possible
face-on distributions of the CO, assuming cir-
cular orbital motion. The dashed circles denote
the inner and outer radii of the gas disk, the
curved arrows indicate the direction of rotation,
and the asterisks represent the location of the
star. The distance along the line of sight (l.o.s.)
is relative to the stellar position and is positive
for gas on the far side of the star. (A) The two-
clump distribution, interpreted as mean motion
resonances with an inner planet. In this case, the
bright southwest clump lies on the far side of
the star and is approaching us. (B) Single-clump
distribution, interpreted as a collision of objects
with mass approximately equal to that of Mars. In
this case, the southwest clump is stationary, and

the tail of CO points in the direction of rotation. (C) Radial distribution of millimeter-sized dust in the
southwest (blue line) and northeast (red line) sectors of the disk, obtained by fitting consecutive annuli to
the continuum distribution on the two sides (12). The dashed line is an axisymmetric model for the parent-
body distribution, predicted from scattered light images of the submicrometer-sized grains (24). Surface
density units are cross-sectional area per unit disk area, in AU2/AU2.
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not only

axisym
m
etric, but also

m
ore

radially
and

vertically
extended

than
that of the parent planetesim

als. The resonances did
intro-

duce
a
sm
all clum

piness in
the

resulting
distribution, how

ever,

due to
the variety

of resonances populated
by
a sm

all fraction
of

particles; this
is
expected

to
have

a
m
inim

al effect on
the

dis-

tribution, resulting
in
only

a
slight underdensity

at the
location

of
the

planet for
these

grains. The
scattering

tim
escale

itself

(eq. [16]) is relatively
short, since grains w

ith ! ¼
0:5

to !
crit en-

counter the
planet on

tim
escales of tscat ¼

0:25tpl to
62.5" #

0.5
tpl .

W
hile

this is likely
to
be significantly

shorter than
the

collisional

tim
escale, the

sim
ulations

show
ed
that the

dynam
ical lifetim

e

of the grains m
ay
be m

uch
longer than

their collisional lifetim
e.

The
scattering

tim
escale

given
in
equation

(16) should
thus be

considered
the

tim
escale

on
w
hich

the
particle

distribution
be-

com
es axisym

m
etric.

2.2.2. 2 :1
Resonance

The
param

eters
used

in
the

runs
to
characterize

the
libration

param
eters

of dust grains
created

in
the

destruction
of planet-

esim
als previously

trapped
in
the

2 :1
resonance

of a
m
igrating

planet are given
in
Table 2. For these runs, the m

igration
w
as set

so
that planetesim

als
w
ere

trapped
only

into
the

2 :1(u)
reso-

nance
(i.e., w

ith
#
librating

about "
270 $

, causing
a
clum

p
of

m
aterial "

90 $
behind

the
planet’s

m
otion). The

results
of the

runs
for the

2 :1
resonance

are
broadly

sim
ilar to

those
for the

3:2
resonance

in
that for increasing

!
(decreasing

grain
size),

the librationw
idth increases, leading to clum

p sm
earing and even-

tually
an
axisym

m
etric

spatial distribution.

H
ow
ever, one significant difference w

as that as the particles !

w
as increased, the libration of#

could no longer be described as a

sinusoidal oscillation. This is illustrated in Figure 1, w
hich show

s

the
evolution

of #
for different sized

dust grains
com

ing
from

the
sam

e
planetesim

al in
one

of the
runs, as

w
ell as

Figure
3,

w
hich

show
s the spatial distributions of different sized

dust grains

4
N
ote that in

the absence
of close approaches, such

as m
ight be the

case for

dust com
ing

from
planetesim

als w
ith
low

eccentricity, it can
be
show

n
that P-R

drag
w
ould

cause particles to
reattain

the resonance of their parent planetesim
als

on
a
tim
escale

that is independent of particle
size: tPR ¼

1070a 2
r /M

? in
years.

TA
BLE

2

Parameters
for

R
uns

for
a
2 :1(u)

Resonance

M
?(M

% )

M
pl

(M
& )

a(A
U
)

e

!

0.8...................................

10

79.4

0.44

0.0001–0.1

0.8...................................

30

79.4

0.44

0.0001–0.1

0.8...................................

100

79.4

0.44

0.0001–0.1

0.8...................................

300

79.4

0.44

0.0001–0.1

2.5...................................

30

95.3

0.32

0.005–0.02

2.5...................................

300

95.3

0.32

0.01–0.03

2.5...................................

300

31.8

0.32

0.01–0.03

0.25.................................

30

95.3

0.32

0.01–0.03

2.5...................................

300

95.3

0.43

0.01–0.03

2.5...................................

300

95.3

0.20

0.01–0.03

2.5...................................

300

95.3

0.12

0.005–0.03

N
ote.—

Param
eters

of
the

star
(M

? ), planet (M
pl ), parent planetesim

als
(a

and
e), and

dust particles (!) for runs characterizing
the libration

param
eters of

dust grains
created

in
the

destruction
of
planetesim

als
previously

trapped
in

the
2 :1(u) resonance

of a
m
igrating

planet.

Fig. 3.—
Face-on

view
of the

surface
density

distribution
of dust grains of different sizes (characterized

by
the

param
eter !) created

in
the

collisional destruction

of planetesim
als

trapped
in
resonance

w
ith

a
30
M

&
planet that m

igrated
45–60

A
U
from

a
2.5

M
%
star: top, dust from

planetesim
als

in
the

3 :2
resonance

w
ith

eccentricities of "
0.28; bottom

, dust from
planetesim

als in
the

2 :1(u) resonance
w
ith
eccentricities of "

0.32. The
planet’s location

is show
n
w
ith
a
w
hite

plus sign,

and
its orbital m

otion
is anticlockw

ise; the
fields of view

of the
far right plots (for !

>
0:5) cover tw

ice
the

area
of the

other (!
<
0:5) plots. The

color table
is scaled

linearly
to
the

m
axim

um
density

in
the

density
in
each

plot.
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Fig. 5.— Gas (left panel) and dust (right panel) surface densities after 400 orbits for run C (⌃g,0 = 1.2 ⇥ 10�5; Mdust = 9 ⇥ 10�3). Dashed circle indicates rBR
(100 AU). The dust distribution shows two closely spaced concentric rings, consistent with dust clumping due to the PeI.
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Fig. 6.— Gas (left panel) and dust (right panel) surface densities after 400 orbits for run D (⌃g,0 = 1.2 ⇥ 10�4; Mdust = 9 ⇥ 10�3). Dashed circle indicates
rBR (100 AU). The gas distribution (left panel) shows greater non-axisymmetric structure than in run C (Fig. 5). The dust distribution (right panel) shows two
prominent ring structures and a third fainter one (the outermost). Ripple structures in the dust spaced a few AU apart also appear near each of the three rings,
strongly reminiscent of the tightly-packed arcs and rings seen in the radiation pressure-free models of Lyra & Kuchner (2013).

Fig. 7.— Gas (left panel) and dust (right panel) surface densities after 400 orbits for run E (⌃g,0 = 1.2 ⇥ 10�3; Mdust = 9 ⇥ 10�3). Dashed circle indicates rBR
(100 AU). The lack of structure in the dust distribution (right panel) reflects a long PeI growth time for such a low dust-to-gas ratio.

Klahr & Lin 2005, Lyra & Lin 2013, Richert+2018

Caveats: The observed structure is dependent on the grain size, gas/dust 
ratio, and not yet shown to work when a wide size distribution is considered
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